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ABSTRACT
RX J1713.7-3946 is a key object to check the supernova remnant paradigm of the
origin of Galactic cosmic rays. While the origin of its gamma–ray emission (hadronic
versus leptonic) is still debated, the hard spectrum at GeV energies reported by the
Fermi collaboration is generally interpreted as a strong argument in favor of a leptonic
scenario. On the contrary, we show that hadronic interactions can naturally explain
the gamma–ray spectrum if gas clumps are present in the supernova remnant shell.
The absence of thermal X–rays from the remnant fits well within this scenario.
Key words: cosmic rays – ISM: supernova remnants – gamma rays: ISM.
1 INTRODUCTION
SuperNova Remnants (SNRs) are believed to be the sources
of Galactic Cosmic Rays (CRs). This hypothesis, still un-
proven, received further support after the detection of sev-
eral SNRs in TeV gamma rays. Such emission was indeed
expected, as the result of the decay of neutral pions pro-
duced in the interactions between the accelerated CRs and
the ambient gas (Drury et al. 1994). However, the relative
contribution of protons and electron (via inverse Compton
scattering) to the gamma–ray emission remains uncertain,
being very sensitive to model parameters such as gas den-
sity and magnetic field strength, which are often unknown
(e.g. Cristofari et al. 2013). In most cases, this prevents the
unambiguous identification of CR protons.
RX J1713.7-3946 is the best studied TeV SNR (Aha-
ronian et al. 2007). After an initial debate on the hadronic
versus leptonic origin of its gamma–ray emission (Berezhko
& Vo¨lk 2008; Morlino et al. 2009; Zirakashvili & Aharonian
2010), it was detected by Fermi (Abdo et al. 2011). The
hard spectrum revealed in the GeV domain seemed incom-
patible with that expected from shock accelerated protons
and leptonic models became favored over hadronic ones (El-
lison et al. 2010; Yuan et al. 2011; Finke & Dermer 2012).
Moreover, the large gas density required by hadronic models
would imply an intense thermal X–ray line emission (Katz
& Waxman 2008; Ellison et al. 2010), which is not observed
(Tanaka et al. 2008). However, the leptonic interpretation is
not exempt from problems. In fact, it is known that one–
zone leptonic models, when normalized to fit the TeV data,
fail to reproduce the GeV flux (e.g. Aharonian 2013).
As suggested by Zirakashvili & Aharonian (2010), the
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interpretation of the gamma–ray observations changes dra-
matically if the SNR expands in a clumpy medium. This
is indeed expected if the SNR progenitor is a massive star
in a molecular cloud. The densest clumps can survive, un-
shocked, the shock passage, and remain inside the SNR (In-
oue et al. 2012). Then, the CRs accelerated at the SNR diffu-
sively penetrate the clumps. Since the diffusion coefficient is
an increasing function of particle energy, higher energy par-
ticles penetrate more effectively, and the spectrum of the
CRs inside the clumps might well be significantly harder
than the one accelerated at the shock (Aharonian & Atoyan
1996; Gabici et al. 2007). Thus, if clumps make the domi-
nant contribution to the mass in the SNR, hadronic emission
can naturally explain the hard spectrum observed by Fermi.
Moreover, the fact that clumps remain unshocked implies
that most of the gas in the shell is at low temperature. This
would explain the lack of X–ray lines in the spectrum.
Here, we develop a model to describe this scenario, and
demonstrate that it provides an excellent fit to data.
2 DYNAMICAL EVOLUTION OF THE SNR
We assume here that the progenitor of the SNR RX J1713.7-
3946 is a massive star embedded in a molecular cloud. This
scenario is supported by a number of observational evidences
(Slane et al. 1999; Moriguchi et al. 2005; Fukui et al. 2012;
Maxted et al. 2012). The stellar wind from the progenitor
strongly affects the properties of the local environment by
inflating a large cavity of hot and rarefied gas (Weaver et al.
1977). Molecular clouds are highly inhomogeneous, clumpy
structures, and the densest clumps survive the wind and re-
main intact in the cavity (Inoue et al. 2012). In this scenario,
the SNR shock propagates in the low density gas, which oc-
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cupies most of the volume, and interacts with dense clumps
characterized by a very small volume filling factor.
The temporal evolution of the SNR shock radius Rs
and velocity us = dRs/dt can be computed by adopting the
thin–shell approximation (e.g. Ostriker & McKee 1988). The
equation of momentum conservation then reads:
d(Mu)
dt
= 4pi R2s Pth (1)
where u = (3/4)us and Pth are the gas velocity and ther-
mal pressure behind the shock, respectively. The pressure
of the ambient medium is neglected in Eq. 1 because SNR
shocks are strong. The pressure Pth can be derived from the
conservation of the explosion energy Etot = 10
51E51 erg:
Etot = Eth + (1/2)Mu
2 (2)
where Eth is the thermal energy inside the SNR, and M is
the mass of the gas in the SNR shell, which is the sum of the
mass of the supernova ejecta Mej and of the ambient gas of
density % swept up by the shock: Msw = 4pi
∫ Rs
0
dr r2%(r).
The swept up mass is obtained by recalling that the SNR
shock expands first in the progenitor’s wind, with density
profile % ∝ r−2, and then in the hot and tenuous gas that fills
the cavity, of Hydrogen density nh = 10
−2nh,−2 cm−3 and
temperature Th = 10
6 Th,6 K. The density profile of the wind
is nw = M˙/(4pimauwr
2), where M˙ = 10−5M˙−5M/yr is the
wind mass loss rate, uw = 10
6uw,6 cm/s is the wind speed,
and ma = 1.4 mp is the mean mass of interstellar nuclei per
Hydrogen nucleus for 10% Helium abundance. The position
of the wind termination shock is determined by imposing
equilibrium between the wind ram pressure nwmau
2
w and
the thermal pressure in the cavity 2.3nhkBTh, the factor 2.3
indicating the number of particles per Hydrogen atom.
Eqns. 1 and 2 can be solved for the case of RX J1713.7-
3946. To reproduce the measured radius of the shock Rs,0 ≈
10 pc at the SNR age of ≈ 1620 yr (Wang et al. 1997) the
following parameters have been adopted: Mej = 2.8 M,
nh,−2 = 2, and E51 = M˙−5 = uw,6 = Th,6 = 1 For such
a choice of the parameters, the mass of the swept up gas
is Msw ∼ 3.8 M, which is comparable to the mass of the
ejecta. This implies that the SNR is still in the transition
between the ejecta–dominated and the Sedov phase, and
that the shock speed is still quite large. Our calculations give
us,0 ∼ 4.4× 103 km/s, in agreement with the observational
constrain given in Uchiyama et al. (2007).
The clumps that survive the stellar wind and re-
main embedded in the cavity are characterized by a sub–
parsec size, Lc = 0.1 Lc,−1 pc, and a large density, nc &
103nc,3 cm
−3 (see the simulations by Inoue et al. 2012 and
the observations by Fukui et al. 2012 and Sano et al. 2013).
The main parameter that regulates the interaction be-
tween a clump and the shock is the density contrast be-
tween the clump and the diffuse medium, χ = nc/nh =
105 nc,3/nh,−2 (Klein et al. 1994). When the SNR shock en-
counters a clump, it drives a shock into it, with a velocity
uc ≈ us/χ1/2. The time it takes the clump to be shocked,
tcc ≡ Lc/uc, is called cloud crushing time. Klein et al. (1994)
showed that the typical time scale for the development of
Kelvin–Helmholtz and Rayleigh–Taylor plasma instabilities
that might disrupt the clump are of the same order of tcc.
The value of the cloud crushing time for RX J1713.7-3946 is
tcc ≈ 7 × 103Lc,−1(nc,3/nh,−2)1/2(us/us,0)−1 yr. This time
is significantly longer than the SNR age, which means that
the clumps survive against plasma instabilities. This fact
has been confirmed by numerical simulations, which show
that shocks are stalled into dense clumps, which survive,
unshocked, in the SNR interior (Inoue et al. 2012). Clump
evaporation due to thermal conduction is neglected here,
being strongly suppressed by the turbulent magnetic field
downstream of the SNR shock (Chandran & Cowley 1998).
Another consequence of the long cloud crushing time is
the fact that the clumps remain virtually at rest (in the lab
frame) after the shock passage. The large difference between
the velocity of the clump and that of the shocked medium
generates a velocity shear which is in turn responsible for
the amplification of the magnetic field in a boundary layer
around the clump. The magnetic field grows very quickly
(tens of years) to large values of the order of & 100 µG, with
peak values up to ∼ 1 milliGauss, in a transition layer of size
Ltr ∼ 0.05 pc (Inoue et al. 2012). The magnetic field in the
whole SNR shell is also amplified to tens of microGauss due
to the vorticity induced downstream by the deformation of
the shock surface. Such deformations can be produced by
the interaction of the shock with dense clumps (Giacalone
& Jokipii 2007). Another amplification mechanism has to be
considered if the SNR shock accelerates effectively CRs, i.e.
the CR current driven instability, which predicts a magnetic
field pressure downstream of the shock at the percent level
of the shock ram pressure, Bd ∼ 3× 10−5n1/2h,−2(us/us,0) µG
(Bell et al. 2013), which is of the same order of the field
amplified by the shock–induced vorticity.
In the following we assume that the gas is clumpy inside
the SNR shell, with a magnetic field of few tens of micro-
Gauss in the diffuse gas, and of & 100 µG in a thin transition
region surrounding the clumps.
3 GAMMA–RAY EMISSION
The SNR shock is expected to accelerate CRs. For a strong
shock, the test–particle prediction from shock acceleration
theory gives an universal power law spectrum of accelerated
particles QCR(E) ∝ E−α with α = 2 (e.g. Drury 1983).
The particle spectra inferred from gamma–ray observations
of SNRs are somewhat steeper than that, and several mod-
ifications to the shock acceleration mechanism have been
proposed to explain the discrepancy (Zirakashvili & Pruskin
2008; Caprioli 2011). In the following we assume α = 2.2.
The CR acceleration efficiency η is defined as the frac-
tion of the kinetic energy flux across the shock which is
converted into CRs:
qCR =
∫ Emax
mpc2
dE E QCR(E) = η
1
2
%u3s (4piR
2
s) . (3)
The maximum energy of accelerated particles Emax is com-
puted by equating the CR diffusion length DB/us, DB be-
ing the Bohm diffusion coefficient, to some fraction χ of
the shock radius (e.g. Gabici 2011). This gives Emax ∼
200(Rs/Rs,0)(us/us,0)(χ/0.05)Bup,−5 TeV, where Bup =
10 Bup,−5µG is the magnetic field upstream of the shock.
Once accelerated, CRs are advected downstream of the
shock where they suffer adiabatic energy losses due to the
expansion of the SNR at a rate E˙ = E(us/Rs). The time
c© 2002 RAS, MNRAS 000, 1–4
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evolution of the total number of CRs inside the SNR shell
NCR(E) is described by the equation:
∂NCR(E)
∂t
=
∂
∂E
[
E˙NCR(E)
]
+QCR(E) . (4)
Consider now a clump entering the SNR shock at a time
tc. Once downstream of the shock, the clump is bombarded
by the CRs accelerated at the SNR shock and accumulated
in the SNR shell. The diffusion of CRs in the highly turbu-
lent region that surrounds the clump is expected to occur at
the Bohm rate. Thus, the time needed for a CR to diffusively
penetrate into the clump is τd ≈ L2tr/6DB which gives:
τd ≈ 4× 102 L2tr,−1.3B−4E−112 yr (5)
where B = 100 B−4 µG is the magnetic field in the turbulent
layer, Ltr = 0.05 Ltr,−1.3 pc its thickness, and E = E12 TeV
the particle energy. For a given clump, the minimum energy
of the particles that can penetrate is given by the equation
τd = tage−tc. A significantly faster CR diffusion is expected
outside of the transition region, both inside the clump, where
ion-neutral friction is expected to heavily damp magnetic
turbulence, and in the SNR shell, where the magnetic field
strength and turbulent level are significantly smaller.
The equation that regulates the time evolution of the
total number of CRs inside a clump Ncl(E) is then:
∂Ncl(E)
∂t
=
(Vcl/Vsh)NCR(E)−Ncl(E)
τd
(6)
where Vcl = (4pi/3)L
3
c and Vsh are the volumes of the clump
and of the SNR shell, respectively. The total volume of the
clumps is taken to be much smaller than Vsh, to insure the
validity of Eq. 4. Moreover, Vcl is assumed to be constant in
time (i.e. no CR adiabatic energy losses) and proton–proton
interaction energy losses are neglected since they operate
on a time tpp ∼ 5 × 104n−1c,3 yr, longer than the age of the
SNR. Finally, the volume Vsh filled by CRs is taken to be
the shell encompassed between the SNR forward shock and
the contact discontinuity. The exact position of the contact
discontinuity depends on several physical parameters (e.g.
Orlando et al 2012), and is typically of the order of ≈ 0.9Rs.
The dotted line in Fig. 1 represents the current CR
density in the SNR shell as a function of the particle en-
ergy. It has been computed from Eq. 4 after assuming a
CR acceleration efficiency of η = 0.1 and a magnetic field
in the turbulent layer of B−4 = 1.2. An exponential cutoff
at Emax = 150 TeV has been multiplied to the solution of
Eq. 4 to mimic the escape of the highest energy CRs from
the shock. The CR density inside clumps is derived from
Eq. 6 and plotted with solid lines. Lines 1, 2, and 3 refer to
a clump that entered the SNR shock 1400, 1500, and 1550
yr after the supernova explosion, respectively. Clumps that
entered the SNR at tc ≈ 1400 yr are encountering now the
contact discontinuity. Clumps that entered the SNR earlier
either are disrupted by plasma instabilities at the contact
discontinuity or, if they survive, enter a region character-
ized by a low density of CRs and quickly become themselves
devoided of CRs due to their diffusive escape.
The spectrum of CRs inside the clumps has a charac-
teristic peak at energies of ≈ 10 TeV. At energies larger
than that of the peak, the spectra of the CRs in the clumps
and in the SNR shell coincide. This is because at large en-
ergies diffusion becomes important over times smaller than
Figure 1. Spectrum of CRs in the SNR shell (dotted line) and
inside a clump that entered the shock at tc = 1400, 1500, and
1550 yr (solid line 1, 2, and 3 respectively).
the residence time of clumps in the shell, allowing for a rapid
equilibration of CR densities. On the other hand, CRs with
energies smaller than that of the peak diffuse too slowly to
effectively penetrate the clumps. This explains the deficit of
CRs with energies below ≈ 10 TeV in the clumps. The very
hard spectral slope found below the peak is an effect of the
steep energy dependence of the Bohm diffusion coefficient.
The position of the peak moves towards larger energies for
clumps that enter later the SNR shock, as it can be inferred
by Eq. 5 and the discussion that follows it.
The hadronic gamma–ray emission from all the dense
clumps in the shell is plotted as a solid line in Fig. 2. The gas
density within clumps is nc,3 = 1 and the density of clumps
is 3 pc−3, which implies a total mass in the clumps within
the SNR shell of 550 M and a clump volume filling factor of
≈ 0.01. The distance to the SNR is 1 kpc. The prediction is
in agreement with FERMI and HESS data. The gamma–ray
emission from CR interactions in the low density diffuse gas
swept up by the SNR is plotted as a dashed line, and shown
to be subdominant. The contribution from inverse Compton
scattering from electrons accelerated at the SNR is expected
to be negligible, if the magnetic filed is & 10 µG.
Secondary electrons are also produced in proton–proton
interactions in the dense clumps. Their production spectrum
is similar in shape to that of gamma–rays (Fig. 2), with a
normalization smaller by a factor of ≈ 2 and particle ener-
gies larger by the same factor. Thus, the peak of electron
production happens at an energy of ≈ 2 TeV. Such elec-
trons escape the clump in a time ∼ 200 yr (Eq. 5), which is
shorter than both synchrotron and Bremmstrahlung energy
loss time (∼ 450 and 3.3×104 yr, respectively, for the param-
eters considered here). Thus, no contribution from secondary
electrons has to be expected to the gamma–ray emission.
At the present time, the CRs inside RX J1713.7-3946
amounts to≈ 6 % of the total explosion energy. However, the
fraction of explosion energy converted into CRs is likely to
increase with time, given that the SNR is still in a quite early
stage of its dynamical evolution. It can be shown that the
total fraction of explosion energy converted into CRs by a
c© 2002 RAS, MNRAS 000, 1–4
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Figure 2. Gamma–rays from RX J1713.7-3946. The emission
from the clumps is shown as a solid line, while the dashed line
refers to the emission from the diffuse gas in the shell. Data points
refer to FERMI and HESS observations.
SNR is of the same order of the istantaneous CR acceleration
efficiency η (e.g. Gabici 2011). The value η = 0.1 adopted
here is consistent with the typical acceleration efficiency that
SNRs should have in order to be the sources of Galactic CRs.
4 DISCUSSION AND CONCLUSIONS
We have shown that the gamma–ray emission from
RX J1713.7-3946 can be naturally explained by the decay of
neutral pions produced in hadronic CR interactions with a
dense, clumpy gas embedded in the SNR shell. The clumps
are expected to be surrounded by a turbulent layer charac-
terized by an average magnetic field of ≈ 100 µG, which in
some cases can reach values as large as ≈ 1 mG (Inoue et
al. 2012). Such extreme values would explain the very rapid
(year–scale) time variability observed in X–rays from small
knots inside the SNR shell (Uchiyama et al. 2007).
Also the absence of thermal X–ray emission from the
SNR fits well within this scenario. This is because the SNR
shock propagates in the low density, inter–clump medium,
and not in the dense clumps, which remain cold and unable
to emit thermal X–rays. By means of a numerical simulation,
Ellison et al. (2010) estimated the thermal X–ray emission
expected for RX J1713.7-3946 for a value of the ambient den-
sity of nh,−2 = 5 (a factor 2.5 larger than the one adopted
here). They found that the expected emission is subdomi-
nant with respect to the X–ray synchrotron emission from
the SNR, as it is indeed observed (Tanaka et al. 2008).
As noticed in the introduction, multi–zone leptonic
models might also provide a satisfactory fit to the observed
multi–wavelength spectrum of RX J1713.7-3946. Thus, fur-
ther observational evidences are needed in order to dis-
criminate between the hadronic and leptonic origin of the
gamma-ray emission. A conclusive proof of the validity of the
hadronic scenario would come from the detection of neutri-
nos. This test is feasible, since in this scenario the expected
neutrino flux from RX J1713.7-3946 is within the reach of
km3–scale detectors (e.g. Vissani & Aharonian 2012).
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